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1.4 Elektromagnetické zareni. Ziklady astronomické fotometrie

Elektromagnetické zafeni. Fotony

Nedilnou souddsti materialu hvézdy je elektromagnetické z . Ve vétdiné hvézd
zprostiedkovava pfenos energie z centralnich oblasti na povrch, v nitru hmotnéjsich, tedy
relativné hor a fidkych hvé h, se téz vyznamné podili na tlaku hvézdného materialu.
Zcela jedineénou roli ma pii pfenosu energie z povrchu hvézd do prostoru, jelikoz se dokdze

w

g§ifit 1 vakuem. Podtrhnéme, ze praveé tato vlastnost elektromagnetického zafeni je pro nas
zivotné dilezita. Elektromagnetické zafeni navic prenasi dalezité informace o hvéz

nichz bychom jinak o téchto dilezitych kosmic objektech stézi cokoli vEdeéll.




Elektromagnetické zafeni nebo 1€z jen zdFeni, je podle Maxwellovy Y teorie
elektromagnetického pole pfinym vlnénim, kde proménné vektory magnetické indukce a
elektrické intenzity jsou vzajemné kolmé a soucasné kolmé ke sméru §ifeni (ten udava tzv.
Poyntingtiv vektor). Zakladnimi charakteristikami elektromagnetického zafeni jsou frekvence
{kmitocet) v udavana v hertzich (1 Hz =1 s'l) nebo vinova défka Auddvana v metrech nebo
jeho zlomcich.

Ve vakuu se elektromagnetické zafeni Sif1 rychlosti svétla e, kterd patfi k zdkladnim
fyzikdlnim konstantam. Je to soucasné maximdilni a nepfekroditelnd rychlost, jiz se mbze
redlny objekt v inercidlni soustavé pohybovat. Frekvence a vinova délka elektromagnetického

zafeni ve vakuu jsou spolu vazany relaci:

c=vAi
V optickém prostiedi, ¢ili obecné mimo vakuum, se toto zdteni 8iff rychlosti v, v = ¢/n, kde n
je tzv. index lomu (n >1). Pii pfechodu zéfeni z jednoho optického prostiedi do druhého se

neméni frekvence”), vlnova délka je vak funkci indexu lomu podle vztahu:

Pokud ma zafeni pouze jedinou vlnovou délku (kmitoget), hovofime o tzv.
monochromatickem zafeni. Redlné zdroje v8ak nikdy zcela monochromatické zafeni
nevysilaji, vzdy je to smés zafeni o rlznych vlnovych délkdch. Funkece zastoupeni zafeni
podle vlnové délky se nazyva spektrum zdfeni. Pokud toto spektrum v sobé obsahuje viechny

vlnové délky a intenzita zafeni se v ném pomalu méni, fikame, Ze jejich spektrum je spofité.

*") JAMES CLERK MAXWELL (1831-1879), skotsky fyzik.

') Poznamenejme, #e v astronomii se b&%né udiva vinova délka zkoumaného zéfeni, spravngjii by ale bylo
hovofit o frekvenci, nebot' ta je primarni charakteristikou elektromagnetického zafeni, nezavislou na
prostiedi, jimZ se toto zafeni Sifi.

Pokud v daldim textu nebude zminéno jinak, pak budeme automaticky piedpokladat, % vie se tyka

elektromagnetického zafeni Sificiho se vakuem.




Dilezitou charakteristikou elektromagnetického zafeni je jeho polarizace. U nepolarizovaného zafeni je
rovina kmitl elekirické slozky (viechny v astrofyzice pouZivang detektory elektromagnetického zafeni jsou
citlivé jen na tuto slozku) ndhodnad. V zafeni linedrmné polarizovaném se setkavame pouze s jedinou
rovinou kmitfl elektrické slozky, u Aruhové polarizovanéhe elekiromagnetického zafeni se rovina kmith
staci kolem sméru Sifeni vlnéni, pfiCemZ amplituda zafeni se zachovava. Pii elipfické polarizaci
rovina kmitil rovnéZ rotuje, koncovy bod vektoru amplitudy pfitom opisuje elipsu.

Kruhova a elipticka polarizace podle smyslu sv¢é rotace miZe pak byt prava (z pohledu ve sméru ke zdroji
jde o smér matematicky zaporny) nebo levd. Rovina kolma ke sméru Sifeni vlny, viiéi niZ je intenzita
glektromagnetického  zafeni maximalni, se nazyva rovirou polarizace. Kosmicke zdroje
elektromagnetickeho zafeni generuji vinéni s rozliénou polarizaci. Vzhledem k tomu, Ze nejéastdji jde o
tzv. tepelne zafeni, je jejich zafeni pfevaZné nepolarizovane. Pii prichodu mezihvézdnym prostiedim
s Casticemi orientovanymi elektrickymi ¢i magnetick¥mi silami se plivodng nepolarizované svétlo hvézd
miZe zmenit na polarizovang. To vSak vice vypovida o vlastnostech tohoto prostiedi, neZ o zdrojich zafeni.
Neékdy se viak tento idaj mfiZe hodit jako dodate¢na informace o vzdalenosti doty¢ncho objektu.
Elektromagnetické zafeni je podle kvantove teorie tvofeno tzv. fotony. Fotony se poditaji mezi
ostatni elementdrni ¢astice, jako jsou elektrony nebo protony, tzn. Ze je lze charakterizovat
stejnymi fyzikalnimi charakteristikami, zajist'uji téz elektromagnetickou interakei.

Pojem fotonu byl zaveden pocatkem 20. stoleti, aby se tak popsala pozorovand skutecnost, Ze

energie pfechazi mezi zafenim a latkou vZdy nespojité — po kvantech. Na odhaleni vlastnosti

fotonu se podileli fyzikové MAX PLANCK, ALBERT EINSTEIN”) (1879-1955) a fada dalSich.

Foton se v rhznych situacich projevuje jako vlna nebo ¢astice, coZ je konecné vlastnosti viech
elementarnich éastic. Pro foton je specifické, Ze ma nulovy naboj, jednotkovy spin (Je to tedy
tzv. bozon) a nulovou klidovou hmotnost. Fotony se ve vakuu pohybuji praveé rychlosti svétla,

kazdy z nich nese energii £, kterd je uréena vyhradné jeho frekvenci v. Pro foton o kmitoctu

va vinové délce ve vakuu A plati:




Ve vztahu se kromé rychlosti svétla vyskytuje 1 dal§i ze zakladnich fyzikalnich konstant, a totiz
Planckova kowstanta b, h=662607- 107 Ts. Vzhledem ktomu, e se v astrofyzice
z praktickych divodi pro vyjadfovani malych energii vyuziva jednotky 1 eV, je uzite¢né uvést

Planckovu konstantu t€ s touto jednotkou: 7 = 4,135 67. 107" eVs.

Mechanismy vzniku a zaniku zafeni

Ekvivalentni hmotnosti fotoni, vypoétené pedle Einsteinovy relace E = mc’, jsou zpravidla

velmi malé, napfiklad pro foton viditelného svétla o kmitoétu v =5 - 10" Hz, tato hmotnost

¢in jen 3,7 - 107 kg. Piipomefime, Ze nejlehéi z latkovych Eastic — elektron je 250 tisickrat
hmotné&jsi! Z toho vyplyva, Ze se fotony mohou relativné snadno tvofit a stejné lehce mohou 1
zanikat.

K vyzareni fotonu dochazi nejéastéji v tom pfipadé, kdy se méni hybnost elektricky nabite
gastice. Cim je takovd nabitd &astice leh&i, tim snadndji se jeji hybnost miZe ménit, tim
snadnéji pak vyzafuje fotony. V astrofyzikalni praxi se tak prakticky vyhradné setkivame se
zafenim, které vzniklo v disledku zmén pohybového stavu elektront. Zafeni elektront ve
vazanych soustavach (atomech, molekulich) budeme podrobnéji probirat az v oddilu 3,
pojednavajicim o hvézdnych spektrech, nyni se omezime jen na zdfeni generované volnymi
elektrony.

Pohybovy stav volnych elektrond v plazmatu ovliviuje jak elektrické tak magnetické pole.
Elektricka (coulombovskd) interakce se projevuje zejména pii tésnych piiblizenich elektront
k jinym ilonthm, ¢ili pii tzv. srdZkdeh (ty tedy nemusi byt fyzické). Pii srdZzce se trajektorie
elektronu prochézejiciho v tésné blizkosti kladné nabitého iontu zakiivi natolik, Ze z mista
blizkého setkani odlétavaji jinym smérem.

Pii pridetu volného elektronu elektrickym polem kladné& nabitého iontu, jimz mbze byt bud
holé jadro nebe ionizovany atom prvku, se draha elektronu zakfivi a zména hybnosti maze
byt vyrovnana vyzarenim fotonu. Tim se oviem sniZi kineticka energie elektronu, elektron se

zabrzdi. Mluvime prote o tzv. brzdném zareni. Takto wvznikaji fotony v nitrech hvézd




v ionizovaném mezihvézdném plazmatu nebo ve slunecni kordné. ProtoZe volny elektron
mizZe nabyvat libovolné velké kladné energie, je spektrum brzdného zifeni obecné spojité.
RozloZeni energie ve spektru je dino rozloZenim energii volnych elektront.

Vrovnovdzném stavu je oviem stejné pravdépodobny i opainy proces, kdy elektron
prolétavajici kolem kladné nabitého iontu pohlti foton a jeho energie se tak piisludng zvydi.
Upozoriji, Ze z hlediska zdkond zachovéini energic a hybnosti neni mozny d¢j, kdy by
samostatny volny elektron vyzafil nebo pohltil foton! K tomu je zapotiebi jeSté daldi castice.
V fidSim plazmatu vnofeném do makroskopického magnetické pole se setkavame i s magnetickym brzdmym
zdfenim. Zde zakiivuje drahu elektronu Lorentzovaﬁ) sila, kterd nuti volny elektron opisovat Sroubovici
s osou rovnob&Znou smagnetickou indukei. Tim se méni hybnost elsktronu, ktery pak vyzaiuje bud
cykiorronové  nebo  symchrotromové zdFemi. Zafeni cyklotronove, vysilané pomalejsimi, tzv.
nerelativistickymi elektrony, je monochromatické o kmitoétu odpovidajicimu eyklotronové frekvenci; ve
spektru synchrotronového zafeni buzeneho relativistickymi elektrony se objevuji i nasobky této frekvence.
Pro synchrotronové zafeni je charakteristicka jeho silna polarizace a skutecnost, Ze pfevaZna cast energie se
zde vyzafuje v oboru radiového nebo mikrovlnného zafeni. Synchrotronoveé zafi nestacionarni objskty,
aktivni jadra galaxii apod. V nitrech hv&zd lze tento mechanismus zanedbat, nikoli vSak v jejich horkych a
fidkych kordnach.

Fotony s energiemi mensimi nez 0,5 MeV spolu vzajemné takika neinteraguji. AvSak pfi sraZce dvou
dostatefné energetickych fotonll zafeni v mohou vzniknout pary ddstice-anticastice, nejéastgji pak dvojice
elektron-pozitron. MoZny je i opaény proces, zvany anihilace Castice a anti€astics, pfi niz vznika dvojice

fotonfi odpovidajici energie:

+ —
Y+ 7 e te.

W o

K takovéto tvorbé Castic z fotonll dochazi jen ve vyjimeénych situacich — pfi kolapsu hvézdy nebo na
pocatku v¥voje vesmim, kdy viude panovala nepfedstavitelng vysoka teplota. Opaény proces — anihilace —
probiha naopak kdykoli, kdy se do kontaktu dostanou ¢astice a odpovidajici antiastice, tempo anihilace na

teploté nezavisi.




Tepelné zafeni. Zafeni absolutné Cerného télesa

Je vieobecné zndmo, ze rozzhavena pevna, kapalna télesa nebo zhavy husty plyn zafi, a to tim
vic, ¢im vice jsou zahratd. Vysilaji pfitom spojité zafeni, jehoZ spektralni sloZeni se s teplotou
zvolna méni. RozloZeni energie ve spektru pak nese informaci o teploté vyzatujiciho télesa.
Jistou idealizaci jejich zafeni je zatfeni tzv. absolutné derného télesa. V laboratofi jej lze
realizovat pomoci dobte tepelné vodivého kovového bloku udrzovaného na pfedem zvolené
termodynamické teploté 7. Uvniti bloku necht' pak je dutina s vyCernénymi sténami, které
dokazi velmi G¢inné pohlcovat elektromagnetické zafeni. V dutiné se pohybuji fotony zafeni,
které vyzatuji samotné stény dutiny.”) Po kratké dobé se v dutiné ustavi rovnovaha popsand
termodynamickou teplotou stén dutiny. V dutiné pak existuje tzv. rovnovdziné tepeiné zdieni
nebo téZ rovrovazny fotonovy piyn o teploté 7. Sledovat jej miZeme velice tenkym kanalkem
spojujicim vnéj8i svét se zminénou dutinu.

Kirchheff uZ v roce 1839 ukdzal, Zze charakteristiky zafeni absolutné Cerného télesa zaviseji

pouze na jeho teploté, nikoliv na vlastnostech stén, coz poté svymi preciznimi méfenimi

potvrdili v roce 1895 i OTTO LUMMER a WILHELM WIEN""). Fyzikové viak dlouho tapali pfi

sestaveni vzorce pro popis spektra zafeni absolutné cerného télesa. Diléim tspéchem bylo
nalezeni Stefanova%) vzitahu pro celkovy zafivy vykon: vykon je pfimo umérny 4. mocniné
absolutni (termodynamické) teploty. Pro rozdéleni energie ve spektru poskytl spravny a
teoreticky zdlivodnény vztah az v roce 1900 Max Planck. Dospél k nému az poté, co ucinil
odvazny pfedpoklad, Ze zafiva energie neni vysilana spojité, ale po kvantech (po fotonech),
jejichz energie je dana frekvenci zafeni (vlnovou délkou): E= kv = hc/d, kde k je tzv.

Planckova konstanta.




Planckiiv zikon pro zafeni absolutné éerncho télesa vysvétlil jiZ diive znamy Stefanilv zakon, objasnil 167 jak a
proé a se s rostouci teplotou méni rozloZeni energie ve spojitém spektru hvézd.

Vlastnosti rovnovazného tepelného zifeni:

a) jeizotropni (ve viech smérech ma tytéz vlastnosti),

b) je homogenni (ve viech mistech dutiny ma stejné vlastnosti),

c) koncentrace fotonfi a jejich rozdéleni pedle energii (podle kmitoc¢tu) zavisi pouze na
teplot€ zifeni — nezavisi tedy ani na mechanismu vzniku zéfeni, ani na absorpénich
vlastnostech stén,

d) spektrum popisuje tzv. Planckiiv zékon zd#en! absolutné cerného télesa,

e) absolutné éerné téleso je tzv. kosinovy zdrid, neboli zdroj zafeni, jehoZ jas nezdvisi na
orientaci zafici plochy. Kosinové zifice s konstantni teplotou po povrchu pak nebudou
jevit Zadné okrajové ztemnéni.

Vlastnosti spektra vyzafovaného absolutné ernym t€lesem:

a) zvysime-li teplotu absolutné cerného télesa, bude zafit vice, a to ve viech vlnovych
délkach.

b) zvySujeme-li teplotu, vlnovd délka maxima A, vyzafované energie klesd
Kvantitativné zavislost popisuje tzv. Wienstv zdkon posuvu (téz Wienlv posunovaci

zakon), ktery byl zndm uz pfed formulaci Planckova zikona:
Ap T = 2,8977685: 107 K m.

Dfisledkem tohoto zakona je dobfe znamy fakt, Ze zabarveni absolutnd ¢erncho télesa se s rostouci
teplotou méni od ¢ervenave, pies naZloutlou, €isté bilou aZ po namodralou.

plocha absclutné éemeého télesa o vimeéie § a teploté T vysild do poloprostoru zafivy

vykon @&, :

223k
7 O— =
. 156%%°

O, -cST = (5,670400+0,000040) - 10~° Wm= K™,




kde & je Steﬁnova—Bothmannova“) konstanta. Vyie uvedeny Stefanirv zdkon je
stézegjnim  astrofyzikalnim vztahem, nebot diava do souvislosti celkové mnoZstvi
vyzafene energie a tzv. efektivni teplotu povrchovou teplotu vyzaiyjictho télesa.
Umozigje tak ,,na dalku” meéiit teplotu kosmickych objektil, coz se v pfipadé hvézd
velice hodi.

Planckiiv zakon vyjadiuje zavislost monochromatickeé hustoty zarivého toku absolutné
cerncho t€lesa (tedy mnozstvi energie vyzafené jednotkovou plochou télesa v
jednotkovém intervalu frekvenei za jednotku €asu, v astrofyzice se pouziva pojem tok

zafeni) B, (v,T) na teploté a frekvenci:

v? hv

& exp(hv/T)—1

B,(v.T)=2x

v dlouhovlnné oblasti spektra, kde jiz plati, ze Av << kT, je argument exponencialy
blizky nule, takZe lze vyuzit rozvoje: exp(hvkT) = 1 + AwkT. Za téchto okolnosti
prechazi Plancklv zakon v Rayleighiiv-Jeansin/™) zdkon, objeveny v roce 1900 a dobie

Zznamy zejmena v radioastronomil:

B(v.T)=2r Z—jkT.
Pfizna¢né je, Ze se zde nevyskytuje Planckova konstanta %, coz je vyjadienim faktu, ze
v dlouhovlnng oblasti se elektromagneticke zaieni chova jen jako vinéni.
V kratkovinné oblasti (Av =>kT), kde je AwkT mnohem veétdi nez 1, takze lze 1 ve
Jmenovateli v Planckové zdkonu zanedbat, prechazi tento v tzv. Wiensdv zdkon,

formulovany v roce 1896:




Tam se ovdem Planckova konstanta jiz objevuje.
Astronomové, ktefi se na pocatku 20. stoleti zabyvall méfenim rozloZeni energie ve spektrech

Slunce 1 daldich hvézd, do8li k v¥znamnému zavéru, ze naprostd vétsina v prvinim

priblizeni jako absolutné Cernd télesa. Tento fakt jim umoznil urcéovat efektivni teplotu

hveézdr atmostér z prabehu jejich spojitého spektra, respektive z jejich barevr




Efektivni teploty hvézd

Uz vroce 1837 se podaiilo fyziku CLAUDU POULLLETOVI pomoei primitivniho bolometru
zméfit bolometrickou jasnost Slunce, ¢ili tzv. slunecni konstantu. Téhoz roku tato méfeni
zopakoval John Herschel v jihoafrickém Kapském Mésté, aby doel ktémuz vysledku.

Trebaze Slo spiSe jen o hrubé odhady, dostali se docela blizko k dnesni hodnoté: K= (136743)

-2 s o . . v - . o el s
W m . Pfi zndmém thlovém poloméru sluneéniho kotouce lze ze slunecni konstanty urcit 1

zarivy vwkon vystupyjici z jednotky plochy Slunce. VSeobecné se tehdy soudilo, ze tato

veli¢ina Gzce souvisi s teplotou.
Bohuzel, neveédélo se jak. Nazory se v tomto sméru dosti riznily: Isaac Newton mél za to, Ze obg
veliiny jsou pfimo tmérné. Odtud WATERSON nalezl slune€ni povrchovou teplotu 7 miliontl
stupiifi, ANGELO SECCH") 10 milionfi. Naproti tomu PIERRE-LOUIS DULONG a ALEXIS soudili, Ze
vykon zavisi na teplotd exponencialné. Ti obdrzeli teploty Slunce mnohem niZ&i: 1500 °C, coZ
oviem bylo v rozporu s tim, Ze Zelezo, ktere je na Slunci prokazatelng v plynné podobé, taje pfi 2500

°Cl

43) PIETRO ANGELO SECCHI (1818-78), italsky astrofyzik zabyvajici se zejména spektroskopii, dlouholety
feditel vatiknské observatofe, objevitel slunecnich spikuli. PIERRE-LOUIS DULONG (1785-1838), fyzik a

ALEXIS THERESE PETIT (1791-1820), rovnéZ fyzik.




Teprve v roce 1879, kdy nalezl slovinsky fyzik Josef Stefan spravny vztah mezi hustotou zafivého
v¥konu vystupujicitho z povrchu absolutné €erného télesa zahfatého na absolutni teplotn 7, bylo
moZné odvodit tzv. efektivai teplotu sluneéni forosféry, jez ¢ini 5779 K. Byl to soudasng prvni
piipad, kdy se podafilo zméf¥it teplotu hvézdy.
Efektivni teplota hvézdy Tirje definovana jako teplota, kterou by méla koule o poloméru hvézdy
R zafici jako absolutné cerné téleso, jez do prostoru vysila zafivy vykon L, odpovidajici zafivému

vykonu hvézdy. Podle Stefanova zikona plati:
L=cTi4rx R,

kde & je Stefanova-Boltzmannova konstanta, & = 5,670400 - 167 Wm2 K. Zavedeme-li

bolometricke hvézdne velikosti My a mua vyjadifované v magnitudach 1ze odvodit:

4 2
My, =25 log[4zJJ5 logR-10logT, = 2,5 log[%R@JS 10g[RiJ1010g7;f
o

i} @

F L o R
=-235log| —|=-2,5log| —— |=-2,51log| — |-5log| — |-1Qlog T, =
SRR < RO R 3 T

2

ef »

=-2.5 log[

%J—s loga—101log T,
kde e je pozorovany thlovy polomér kulového télesa vyjadfeny v radidnech. Predpoklidiame-li
piitom, Ze polomér Slunce, uréeny na zakladé dlouhodobého pozorovani ahlového poloméru
slune¢niho disku: « = (958,97+£0,04)%, pak 1 R =sin a - 1 AU = (6,95508=0,00026) - 10° m.
Viechny vide uvedend vztahy patii mezi zakladni. Vyskytuji se samozfejme i v jinfch modifikacich, obéas
se setkate i s jinymi konstantami, coZ je zpravidla disledkem toho, Ze autofi vychdzeji z jinych (Casto jiZ
zastaralych) definic v¥Se uvedenych veliGin, 1 zjinych hodnot polomém a zafivého wykonu Slunce.
Vy¢isleni numerickych konstant vyskytujicich se v uvedenych vztazich je pfedmétem tlohy 23.

V¥{de naznaceny postup stanoveni efektivni teploty hvézdnych fotosfér zdaleka nelze pouzit u
vétdiny hvézd. Piimé (interferometrické) méfeni uhlového priméru hvézd lze provést jen u
téch nejvétiich a nejblizéich hvézd, s vyjimkou zakrytovych dvojhvézd neznadme u vétdiny
hvézd jejich poloméry. Nadtésti se ukazuje, ze efektivni teplotu mzeme alespoil odhadnout

na zikladé rozlozeni energie ve spektru hvézd reprezentovaného napf. barevhymi indexy,



polohou maxima vyzafovani ve spektru nebo vzhledem nékterych detaild samotného spektra,
Jimiz mohou byt tieba vyskyt a intenzita spektralnich car citlivych na teplotu.
Barevny index hvézdy CY je rozdilem hvézdnych velikosti téZe hvézdy urenych ve dvou rozdilnych

barvach ¢l a €2, pro jejichZ efektivni vinove délky Ay a A plati: 4 < A
Ci= el — .

Vieobecne pak plati, Ze ¢im vySi je teplota hvézdy, tim men3i je jeji barevny index. Vztah je to
monotonni, takZe barevny index miiZe teplotu nahradit. Barevny index oviem neni jenom funkei efektivni
povrchové teploty (jak by tomu bylo v pfipadé, kdyby povrch hvézd zafil pfesné jako absolutné Cerné
téleso), takZe tato nahrada neni stoprocentni.

A% donedavna se pro uréeni tzv. harewné teploty nejvice pouzival barevny index (# — V), odpovidajici
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pomeéru hustot tokfl zafeni v modré a Zluté barvé.” ) Tento barevny index oviem Casto byva zkreslen vinou

mezihvézdne extinkee, ktera jej obecnd zvysuje (mezihvézdné zéervenani) a vytvaii dojem, Ze pozorovani
hvézda ma niZéi teplotu neZ je tomu ve skutecnosti. Proto se v posledni dobé jako spolehlivéjsi indikatory
efektivni teploty hvézd prosazuji barevné indexy vyuZivajici méfeni v dlouhovlnné oblasti spektra, napf. (V
— R) nebo jeste lépe (R — 1, které jsou uéinky extinkce deformovany jen zcela nepatrng.

Asl nejspolehlivéjdim ukazatelem efektivni teploty konkrétni hvézdy je jeji spektralni typ.

Soudoba spektralni klasifikace se opird o systém vybudovany na sklonku 19. stoleti na

Harvardové observatoii EDWARDEM PICKERINGEM a WILLAMINOU FLEMINGOVOU, pozdéji do

skuteéné dokonalosti dovedeny ANTONII MaURYOvOU™ ,46) Zminéni astronomoveé vytvofili

Jednoparametrickou posloupnost spektralnich tiid O-B-A-F-G-K-M s vnitinim desetinnym




délenim, ktera se pak ukdazala jako posloupnost teplotni. Nejvydi teplotu maji namodralé
hvézdy tfidy O (az 50 000 K), nejnizii pak nacervenalé hvézdy pozdnich podtyph spektralni
tiidy M (2 500 K). Vyhodou teploty odvozené ze vzhledu spektra je fakt, Ze spektralni

klasifikace prakticky nezavisi na mezihvézdné extinkci, nevyhodou (zeyména zpocatku) tu

byly pomérmeé velké naroky hvézdné spektroskopie na dostatek svétla. Proto se spektralni

klasifikace zprvu omezovala jen na dostatecné jasné hvézdy.




3.3 Ziklady atomové fyziky

Stavba atomu

O atomech (fecke ,,atomos* odpovida ceskému ,,nedélitelny™), jako o neymensich éasteckach
hmoty, hovofili jiz fec¢ti filozofové, nicmeéné sprivnd piedstava o vlastnostech téchto
diskrétnich soucastek hmoty vznikla az ve 20. letech tohoto stoleti, poté, co se konstituovala
kvantova mechanika. Predné&, atom neni nedélitelny, ale sestava ze dvou vzijemné
elektrostaticky vazanych soucasti — rozmérové malého kladné nabitého jadra, v némz je
ulozena rozhodujici ¢ast hmotnosti atomu, a z elektronoveého obalu.

Jadro je tvofeno kladné nabitymi protony a neutrilnimi neutrony s hmotnostmi:

m, = 1,6726 - 107 kg a m, = 1,6749 - 10" kg. Tyto hmotnostn nepatrné odligné E4stice,

zvane téz nukieony, v jadru o velikosti asi 10" m pospolu poutaji piitazlivé kratkodosahove
jaderné sily (projev tzv. silné interakee), které mezi protony a neutrony necini rozdilu. Pocet
nukleont v jadru atomu udava tzv. nukieonové (hmotnostni) cisfo 4, pocet protont je dan tzv.
protonovym (atomovym) cislem Z Cisle, jez urcéuje jak celkovy naboj jadra (1,602 - 107"
C - Z), tak 1 chemické vlastnosti prvku. Nazev prvku je rovnéz dan protonovym Cislem (Z =1
— vodik, Z = 2 — helium, atp.). Poéet neutront v jadru udava neuironové cisic N N=4 - Z.
Hmotnost jadra m; je dana souctem hmotnosti jednotlivych nukleontia hmotnosti odpovidajici

konfiguracni energi £




E
mj:Zmp+Nmn+—;§”.

Konfiguracni energie Eiu, neboli energie jaderné vazby je vzdy nekladna a obvykle
nezanedbatelnd. Hraje zdvaznou roli pii jadernych procesech, pii nichz se méni struktura
jadra. Pokud pojednivime o jadrech s jistou kombinaci protonového a neutronoveho &isla,
mluvime uréitych nuklidech. Rizné nuklidy uréitého prvku (stejné Za riiznd N) jsou tzv.
izotopy tohoto prvku, izobary naopak jsou nuklidy se stejnym nukleonovym ¢islem a riznymi

protonovymi a neutronovymi Cisly. OznaCuji se zpravidla takto: gchemické znacka prvku .

Napiiklad ;He znamend, Ze se tu jedna o jeden z nuklidd helia, v najdete celkem 3 nukleony,

z toho 2 protony, nebo to mize oznacovat izotop helia — atom s pfisludnym jadrem.

Pokud je vazebni energie (zipormné vzatd konfiguraéni energie) pfepoctend na jeden nukleon
mald, jadro se samovolné rozpadd (pfirozend radioaktivita) nebo pfeméiuje na pevnéji
vizané soucdsti. Charakteristikou rozpadu je tzv. polocas rozpadu. Pokud je tento polocas
nékolikanasobné deldi nez stafi vesmiru, pak hovoiime o tzv. stabilnich izotopech.
Nejstabilnéjsi jsou takové jaderné konfigurace, kde v jadru neutrony mirné pievazuji nad

protony.

Jaderna sila je zprostfedkovina vyménou mezomi. Nukleony spolu s rodinou podobnych t&ZSich &astic
nazyvanych baryony 1 Castice stiedni hmotnostni kategorie — mezony jsou tvofeny jedtd elementarngjSimi
Sasticemi — kvarky. Zname th rodiny kvark(l. Prvni rodina kvarkdl u a d vytvaii b&zné nukleony. Druha rodina
kvarkll sa ¢ a tieti rodina kvarkli b a t vytvafeji ¢astice, které na Zemi miiZems generovat jen pomoci
urychlovatl. Ke kazdému kvarku existuje i jeho antiéastice — antikvark. Baryony jsou pak tvofeny tfemi
kvarky a mezony dvojici kvark-antikvark. DilleZitou fyzikalni veliéinon, ktera odlisuje baryony od nebaryonil
je tzv. baryorové disio. Kvarky maji baryonové ¢islo 1/3, antikvarky —1/3, baryony charakterizuje baryonové
dislo 1, mezony pak 0. Kvarky spojuje do elementarnich &astic silna interakce, zprostfedkovand osmici éastic
zvanych gluowny. Silna interakce stoji t¢Z v pozadi jaderns sily drZici pohromadé nukleony v atomovém jadm.

Zaporné nabité elektrony'”) vaze ke kladnému jadru elektrostatickd'™), Coulombova sila.

Rozméry elektronového obalu jsou fadové 10" m. Pokud je pocet protont a elektront




v atomu tyz, je jeho celkovy elektricky niboj pfesné nulovy, jde tudiz o tzv. neutridini atom.
Dodame-li atomu dostateénou {ionizaéni) energii, muze se elektron z vazaného systému
atomu uvolnit, dojde k ionizaci atomu. Atom se stava elektricky nabitym, iontem. V iontech
povétsinou elektrony v elektronovém obalu chybéji, jde tedy o tzv. pozitivei ionty, vyjimecné
se viak setkdme i se stabilnimi ionty, kde elektron piebyva — nejzndméjéi je negativai iont
vodiku tvofeny protonem a dvéma elektrony.

Ionty jsou oznacdovany podle svého celkoveho elekirickeho naboje atomu: neutralni vodik — H, ionizovany
vodik, €ili samostatny proton — H', vodik se dvima elektrony, ¢&ili negativni iont vodiku — H™. Vice
chybéjicich elektronli v obalu se oznaduje piisludnym poftem znamének + v exponentu. Pfi oznadovani
spektralnich ¢ar, ale i odpovidajicich iontil, se ujal jiny, alternativni zplisob oznacovani — spektralni ¢ary
neutrdlnich prvk se oznacuji symbolem I — Ca I je neutralni vapnik. Pokud jde o spektrilni &ary prvku
jednou ionizovany, oznacuje se fimskou é&islici II: He II, €ary n-krat ionizovandho prvku (n+1) v fimskych

&islicich: Fe XV — €ary Etrnactkrat ionizovaného Zeleza.

Atom vodiku. Energiové hladiny

Nejjednoduddim neutrdlnim atomem je atom vodiku sestdvajici pouze ze dvou castic:
kladného a hmotného protonu a lehkého elektronu.

Pokud bychom soustavu dvou opacné nabitych &astic, jez drzi pohromadé elektrostatickou
silou, fedili klasicky (a zanedbali pfitom piipadné vyzafovani elektronu pohybujiciho se
zakfivené drize), dospéjeme k trajektoriim obdobnym trajektoriim planet ve sluneéni
soustavé. Je to piimy dosledek skutenosti, Zze sila gravitaéni i elektrostaticka je nepiimo
umeérnd kvadritu vzdilenosti. Trajektorie elektronu v ,klasickém®” atomu vodiku jsou
kuzelosecky, v jejichz jednom ohnisku se nachdzi kladné jadro, tedy proton. Velka poloosa
kuzelosecky je a, pfiCemz energie (soucet kinetické a potencialni energie) £ ~ —1/a. Tvofi-li

elektron s protonem vazanou soustavu, pak £ < 0 a trajektorii je elipsa. Limitni piipad je




E = 0, kdy se elektron pohybuje po parabole ¢ — oo, Elektron je volny, jestlize £ > 0, tehdy se
pohybuje kolem protonu po hyperbole — i1 v nekoneénu ma nenulovou rychlost.

Pokud jde o velikost energie, kterou by vazany systém sestavajici z protonu a elektronu mohl
nabyt, neklade klasicka teorie zadna omezeni. Energie atomu mize byt libovolnd. Tomu viak
pozorovani nenasvédéuji. Elektron v atomu se nechova jako klasicka, bezrozmérnd zaporné
nabitd cdstice, ale spiSe jako stojatd vlna. Kvantovd mechanika, kterou je nutno v piipadé
popisu chovani elektront v atomu pouzit, povoluje jen néktere energie atomu, néktere stavy.
K sprdvnému vypoctu energie kvantovych stavii atomu vodiku sestivajiciho z kladné
nabitého jidra s ndbojem g a zdporné nabitého elektronu s nabojem —e je zapotiebi vytesit
trojrozmérnou Schrédingerovu rovnici elektronu lapeného v potencidlové jameé s potencidlni
energii ve tvaru:

po_L —ed
Podpg,

kde r je vzdilenost elektronu o zanedbatelné hmotnosti od kladné nabitého jadra a & je
permitivita vakua. Resenim zmin&né rovnice najdeme, Ze energie kvantovych stavil elektronu
jsou dany vztahem:

me'q’ 1 _

2;2 2 2
Be h” m #
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kde £, je energie n-té energiové hladiny, m. je hmotnost elektronu, - Planckova konstanta a »

Ze v jadru naSeho jednoelektronového atomu se nachdzi pravé jeden proton, pak bude vyraz

v zavoree roven |, protoze naboje protonu a elektronu jsou az na znaménko stejné.

(zdkladniho) stavu odpovidajiciho hlavnimu kvantovému éislu » =1 &ini: £, =-13,5984 eV

(1eV =1,602176462 - 1077

I). —E| pak odpovidd minimilni energii, kterou je nutno dodat
atomu v zakladnim stava, aby elektron atem opustil. Oznatuje se bézng jako iomizacni
potencidl.

Dosazenim do vySe uvedencho stavu dostdvame ndsledujici sled povolenych energii vodiku:

E,=34AeV,E;=-15eV, B, =085eV, E;=-054eV.. . pron—>x, E=0



Kvalitativné podobnou strukturu povolenych energiovych hladin maji i atomy a ionty 8 v&t8im
poctem elektrontt. Ukazuje se, Ze soubor ,povolenych™ energii je pro kazdy iont zcela
charakteristicky. Vzdy je zde mozné najit tzv. zakladni energetickou hladinu — minimalni
energii, kteron mize atom dosdhnout. Nad touto hladinou existuje nekonecny pocet
diskrétnich energiovych hladin, a to az do stavu, kdy se energie soustavy elektron+zbytek
atomu blizi nule. Nad touto hranici se jiz elektron od zbytku atomu odpoutivd — jde tedy o
volny elektron. Ten skutedné mize nabyvat libovolné velké energie (v nerelativisticke
aproximaci libovolné velké rychlostiv, F = Lzmvz).

Stav elektronu v atomu je dan uspofadanou &tveficl bvantovpch disel <m,lm,s>. V atomu vodiku je energie
pfislugneého stavn funkei pouze hlavniho kvantového €isla ». V¥b&rova pravidla dana zakony kvantové
mechaniky pfipoust&ji pro pevng zvolené hlavni kvantové éislo celkem 2 # kombinaci ostatnich, vedlejsich
kvantovich &isel. Rikame, e ka¥da energeticks hladina je 2 #°—nasobnd degenerovana. K rozlifeni energii
odpovidajicich jednotlivim staviim mi¥e dojit vloZenim vn&jSiho elektrického nebo magnetického pole.

Jejich pfisobenim dojde k tzv. sejmuti degenerace.

Excitace, deexcitace. Role fotonti

Piejde-li atom nebo iont ze zikladniho stavu s minimdlni moznou energii do jiného,
energeticky bohatéiho stavu, fikame, Ze atom je nabuzen neboli excitovan. Proces vybuzeni je

oznatovan jako tzv. excitace, opaénym procesem je pak deexcitace. Ve vybuzeném,

excitovanem stavu setrvava atom jen kratce: fadové 107 s. Pak dojde k aplné deexcitaci nebo

k piechodu do nizdi energetické hladiny tim, Ze:
a) atom nebo iont pejde do nizdiho energetického stavu, tim ze emituje foton o energii
odpovidajici rozdilu energii ptivodniho a vysledného stavu
b) v materidlu s vy&&i frekvenci srazek mize byt excitovany atom &i iont ,setfesen” do
niz§i hladiny pii tzv. superpruzné” srdzce § jinym atomemn, iontem nebo elektronem.
Po takove srazce od sebe kolidujici ¢astice odsko€i a suma jejich kinetickvch energii
se zvyEi o rozdil energii excitovaného a neexcitovaného atomu.

Do excitovaného stavu se atom muze dostat:



pohleenim fotonu o energii odpovidajici rozdilu mezi energiovymi hladinami atomu
AE. Frekvence fotonu vmusi odpovidat relaci: Av = AE
nepruznou sridzkou sjinym atomem, iontem nebo elektronem, pfi¢emZ energie

nezbytnd pro excitaci se odéerpd z kinetické energie sraziviich se ¢astic.

Carové spektrum zareni vodiku

Carové spektrum zifeni vodiku vznikd v disledku povolenych prechodfi mezi vizanymi stavy
sriznymi energiemi. Jde tedy o tzv. vdzané-vdzané pfechody (bound-bound transition)
spojené s vyzifenim nebo pohlcenim fotonu o energii odpovidajici energetickému rozdilu
téchto hladin.

V ¢irovém emisnim spektru vodiku byly jiz déavno vysledovany jisté spektrdlni série:
Lymanova série v ultrafialové oblasti spektra, Balmerova série ve viditelné oblasti,
Paschenova'®), Brackettova a Pfimdova série v infraderveném oboru. Tyto série jsou
mnozinou ¢ar vznikajicich pfi pieskoku z libovolné vys&i hladiny do nékteré pevné zvolené
hladiny. Lymanova série tak odpovida pfechodim do prvni, ¢ili zdkladni energetické hladiny,
Balmerova série do druhé, Paschenova série do tfeti, Brackettova do ¢tvrté, Pfundova do paté
atd.

Cary ve spektrilnich sériich se oznatuji pismeny fecké abecedy, piidem? se zadind vzdy od
zpravidla nejintenzivnéjdi ¢ary s maximdlni vlnovou délkou, kterd vznika pii zafivém
piechodu znejblize vy8§& hladiny do hladiny zvolené. Kupiikladu pfechedem z 2. do 1.
hladiny vznik4 vitbec nejsilnéj§i &ara vodikoveého spektra — ¢ara Lyman o (La), piechodem z
3. do 1. 1.p atd. Pfechodem z 3. do 2. hladiny vznika ¢ira Balmer a., kterd se oviem oznacuje
Ha (nikoli Ba), pfechodem ze 4. do 3. hladiny se generuje ¢ara Paschen o (Pa) atd.

Vinové délky ¢ar jednotlivych sérii je moZno snadno vypoditat, zndme-li hodnoty energie

dovolenych energiovych hladin:




hv:AE:Q[lz—

kde v je frekvence vyzafeného fotonw, A je Planckova konstanta, AE je energiovy rozdil mezi

pocateénim stavem (f), popsanym hlavnim kvantovy cislem »; a vyslednym stavem (f)

hlavnim kvantovym ¢islem #,= 1, A je vlnova délka vyzafencho fotonu, R je velice spolehlivé
uréend Rydbergova konstanta, R= 1,097 373 156 8525(73) - 10" m ™. Pomoci téchto vztahu

Ize pak rychle vypocitat a pfedpovédét celé spektrum vodikového atomu. Napiiklad vlnova

délka spektralni éary La: 1/4 =R (1/12 - 1/’22) — A =121.5 nm.

Rozestupy mezi ¢arami se u vy&ich ¢lend sérif stale zmen&uji, nulové jsou pro piipad, kdy »#
— oo, Odpovidajici vinova délka 4, je minimalni vinovou délkou ¢ary série a nazyva se hrana

série:

Lymanova série
Lo 2=1 121,5 nm

Lp i1 102,6 nm
Ly 4= 1 97,2 nm
Balmerova série

Ha 3I=2 6563 nm
Hp 4= 2 486,2 nm
Hy 5= 2 434,1 nm

Stavba a ¢arové spektrum slozitéj$ich atomu

Velmi podobnou stavbu jake atom neutrdlniho vodiku maji 1 jednoelektronové ionty, jakym je
tfeba D [ — neutralni deuterium ¢ He II — jednou ionizované helium. Podobné je i jejich

¢arove spektrum.



U deuteria je stavba elektronového obalu a éarového spektra prakticky identickd jako u b&Zného vodiku.
Neutron vjadm navic viak zvySuje hmotnost jadra a frekvence fotonl vzniklych pii pfechodech mezi
hladinami je tak pongkud vy38i. Ve viditelné oblasti jsou vlnové délky spektralnich ¢ar zhruba o 0,15 nm
kratdi. To v principu umoZiuje stanovit pomér mezi deuteriem a vodikem ve hvézdnych atmosférach.

U jednoelektronovych atomt prvki s vEt&im protonovym &islem pozorujeme rovnéz obdobu
vodikovych spektralnich sérii, ve je viak posunuto smérem ke krat§im vlnovym délkam. Je
to dasledek skutec¢nosti, Ze elektron je zde k jidru poutin mnohem silnéji. Plati, Ze ionizacni
potencidl jednoelektronového atomu s jadrem o protonovém cisle Z je Zokrat vetsi (viz vztah
pro energie kvantovych stavii jednoelektronového atomu), vlnové délky Car jsou dany

vztahem:

pozoryjeme u velmi horkych hvézd spektrdlntho typu O. Toniza¢éni potencial Hell je
13,5982 eV 2% = 54393 eV,

Spektralni série odpovidajici sérii Brackettové (pfechod na 4. hladinn) se objevuje ve vizualni oblasti a

nazyva se po svém objeviteli série Pickeringova. Pro vlnovou délku jejich dar plati:

)
2 (mD)

VInové délky piechodu ze sudych hladin odpovidaji vlnovym délkach car Balmerovy série vodiku, cary

vznikajici pfechodem z lichych hladin jsou mezi nimi.

krome interakce elektronu s jadrem uplatiiyje 1 interakce elektronu s ostatnimi elektrony v obalu.
Nicmeéné 1 zde nutné existuje jista zakladni energetickd hladina s minimalni energii a celé rodiny
diskrétnich energiovych hladin jednotlivych stavi popsanych ¢tvefici kvantovych &sel napiiklad
<n,Lm, s> nebo obdobnych parametrii. V téchto atomech plati, Ze kazdeé této Etvefici odpovidd jind
energie. Nesetkavame se tu tedy s existenci nerozlifengch {degenerovanych) energiovych hladin.

Kvantova ¢isla nemohou nabyvat libovolnych hodnot, pro zvolené hlavni kvantove Sislon (n = 0)

je moznych kombinaci pravé 2 w’. Dald omezeni plati pro konkrétni pfechody mezi jednotlivymi



hladinami. Ukazuje se, Zze pravdépodobnosti pfechod@ mezi nimi se velmi 1181 Relativné vysoké
jsou pro tzv. povolené prechody, o nékolik Fadd mendi pak pro tzv. zakdzané pFechody. To zda jde
o povoleny ¢i zakizany pfechod ndm stanovuji tzv. whérova pravidia, pii nichz se sleduje zmeéna
kvantovych éisel toho & onoho piechodu. Neékteré zmény jsou povolené (tfeba Al ==1), jiné

naopak zakézané.

K zajimavym situacim dochazi zejména tehdy, kdy atom pfejde do takového excitovaného stavu, z ndhoZ
nemiize povolenym pfechodem pfejit do zakladniho stavu. Takov§mto staviim se fika merastabilal. Pokud
ma atom excitovany do metastabilni stavu dostatek ¢asu (1j. nachazi se v prostfedi, kde nedochazi k ¢astym
srazkam) piejde do zakladni stavu zakdzanym piechodem a vy3le pfi tom foton odpovidajici vinové délky.
Béing se ale pfechod do zakladniho stavu realizuje bez vyzateni fotonu, prostiednictvim tzv. , superpruzné”
srazky, po niz si energiovy rozdil odnadeji ve své kinetické energii oba srazivii se atomy.

Se zakdzanymi darami se obvykle setkdvame ve spektrech velmi fidkjch planetirnich mlhovin nebo jinych

forem mezihv&zdné latky. Ve spektrech relativnd hust{ch hv&zdnych atmosfér je nenajdeme.

Zateni atom( v kontinuu. Prehled interakei atomu s fotony

Jak jsme si ukazali, atomy dokézi G€inné zafit a pohlcovat svétlo uréitych vlnovych délek,
které jsou pro piislu&ny typ atomu charakteristicke. Tato interakce atomu se zéfenim souvisi
s pfechody mezi vizanymi kvantovymi stavy, jejichz energie jsou diskrétni. Atomy vSak
navic mohou zafit a pohlcovat svétlo 1 mimo tyto vlnove délky, €ili v tzv. kontinue. Déje se
tak myj. 1 vézané-volnymi pFechody, pil nichz elektrony vdzané v atomu se stivaji volnymi,
opoustéji atom libovolnou rychlosti. Tomuto procesu se téz k4 ionizace. Opacnym procesem
je pak rekombinace, kdy elektron srazivdi se s iontem libovolnou rychlosti je timto atomem
zachycen v nékterém z jeho vizanych stavi

Daldi moZnosti, jak mohou vznikat fotony spojit¢tho zafeni, jsou tzv. voiné-voiné piechody.
Pii nich elektron pii té€sném priletu kolem iontu vy$le foton a ztrati pfitom ¢4st své kineticke
energie, ktera viak ipotom postaci k tomu, aby elektron od iontu unikl do nekoneéna.
Komplementarnim volné-volngym pfechodem je pohleeni fotonu elektronem prolétivajicim
kolem iontu. Energie fotonu piispéje ke kineticke energii elektronu, ktery pak odlétava veéti
rychlosti. Tento déj bez iontu neni moZny, nebot iont piebird ¢ast energie a hybnosti

pohlceného fotonu tak, aby byle ufinéno zadost zakontim zachovani energie 1 hybnosti.




Schématicky si ted” mizeme znazornit veskeré dilezité situace, které v interakei atomih

§ fotonem piichazeji v avahu:

ZvyEeni energie:
elektron:

ZOKAVA v Atomu

opusti atomn

zhatdva volny

Snizeni energie:

ZhstAvA v atomu

zachycen iontem

Zhatava volny

prechod:
vizané-vazany
E,= E

n "

vazang-volny

volng-volny

vazané-vazany
E, = E

n "

volné-vazany

volng-volny

ndzev défe:

excIace

ionizace srazkova

fotoionizace

absorpee fotonu

deexcitace srazkova
deexcitace zafiva
tfiasticova
rekombinace

rekombinace zafiva

brzdné zateni

POpis procesu:

a) nepruznd srazka atomu s jinou &astici

b) absorpee fotonu o energili hv=FE,— E,
nepruzna srazka

absorpce fotonu o energn Av> — E, kineticka
energie elekironw: By, = E, + v

abgorpee  fotonu po  trojné  srdZee  volného

elektronu, kladného iontu a fotonu

L SUperpruzna’ srazka s jmou Castici
emise fotonn o energil kv = E,— E,

srazka iontu, elekfronu a daldi Castice, ktera

odebare Cast energie elektronu
emise fotonu o enetgil kv = B — E,

emise fotonu

Samostatny atom, je-li excitovin, setrvd ve vybuzeném stavu jen kritkou dobu a pak

spontanné pechdzi do zdkladniho stavu. Tomuto procesu se fika spontdnni prechod. Muze

tak udinit piimo nebo postupné, kaskadovitym procesem, tev. flucrescenci. Kromé stabilni

zikladni hladiny v nékterych atomech existuji i hladiny metastabilni, kde mtze elektron

pobyt mnchem déle neZz onu miliardtinu sekundy, kdy dojde k samovolnému piechodu do

zédkladni hladiny. Takovémuto pechodu, ktery je malo pravdépodobny, se Tfikd ,zakdzany

¢

prechod. Okamzity pfechod z metastabilni hladiny do zdkladni miize vyvolat interakce atomu

s fotonem o energii piesné odpovidajici energetickému rozdilu mezi metastabilni a zikladni

hladinou. V tomto piipad® na atom dopadne foton, a z nabuzenéhe atomu v metastabilnim




stavu vyleti daldi foton se stejnou vlnovou délkou, fazi i smérem, piicemz atom piejde do

stavu neexcitovancho. Mluvime tu pak o tzv. vynuceném (stimulovaném)} pFechodu, & o

vynucené (stimulované) emisi’”). Tento mechanismus se uplatiuje v generaci zafeni laserti a

masert. Existuji i pfiredni masery, podminkou zde je, Ze vie probihd ve velmi ziedéném

prostiedi, kde takika vibec nedochazi ke srazkove deexcitaci.

pohleuje 1 v kontinuun. Nejvyznamnéjdi jsou zde vazané-volné pfechody, pil nichz dochdzi
k pfechodu elektronu z nékteré znizdich energiovych hladin do prostoru nebo naopak
k zachyceni kolem leticiho elektronu vodikovym iontem na nékterou z niziich hladin, Nejvy&&i
pravdépodobnost maji ty plechody, kdy kinetickd energie uniknuvdiho nebo polapeného
elektronu je co nejmendi. Znamena to, ze nejvice vyzafenych a pohleerrych fotont v kontinuu je
tésné za hranami spektralnich sérii.

Vibec nejsilngji vodik interaguje se spojitym zafenim za hranou Lymanovy série (4 <
91,2 nm), ¢ili vtzv. Lymanové kontinuu, ve vzdalené ultrafialové oblasti spektra. Méng
vyrazné se projevuje za hranou Balmerovy série (4 < 364,6 nm, tzv. Balmerove kontimium)
v blizké ultrafialové oblasti. V optické ¢asti spektra je rozhodujici tzv. Paschenovo kontintum
8 hranou v blizké infradervené oblasti — 820,4 nm. Vodik zde spojité zafi nebo absorbuje
v dasledku rekombinace elektronu seskakujiciho do 3. hladiny, respektive ionizace atomu
nabuzeného do 3. hladiny.

Pii teplotach béznych pro atmosféry hvézd podobnych Slunci je vodikovych atomi vybuzenych
do 3. hladiny mizivé mile a proto neni tento mechanismus tvorby kontinua pfili§ produktivni.
Daleko G¢innéjdi je piispévek dany fotoionizaci negativhiho fontu vodiku s velmi nizkym
ionizacnim potencialem. Praveé tento nevdedni iont hraje v atmosférach hvézd pozdniho typu

zeela rozhodujici roli.




Zateni tidkého a hustého horkého plynu

Uéilime si nyni maly my§lenkovy experiment. Pifedstavme si, Ze mame k dispozici laboratorni
zafizeni, kde mime moZnost sledovat zafivé projevy urcitého objemu vediku meénitelné
hustoty. Zafizeni je navic schopno vramci sledovaného objemu udrzovat stilon a viude
stejnou teplotu.

Neydiive zatneme s velice fidkym plynem, jehoz teplotu zvySujeme. S tim jak roste teplota,
zvySuje se frekvence 1 energie vzajemnych srazek. Ve chvili, kdy jsou tyto srazky natolik
prudkeé, Ze jsou schopny atomy excitovat do vyS&ich energiovych hladin a pocne téz dochdzet
kprvnim ionizacim, zaéne plyn zafit Atomy vodiku vysilaji fotony v disledku zafive
deexcitace a ziiivé rekombinace. Pokud jsou k dispozici volné elektrony vzniklé ionizaci, pak
se mize zafivou ,rekombinaci” vytvaiet 1 negativni iont vodiku. Vzhledem k tomu, Ze plyn je
dle pfedpokladu mimofadné fidky, naprostid vétSina takto vzniklych fotonti z plynu unikne.
Odnaseji viak sebou jistou energii a tim plyn ochlazuji. K udrZeni jeho stale teploty je nutno jgj
neustale piihifvat.

Spektrum  zafictho vodiku je emisni a dominwi v ném c¢ary Lymanovy, Balmerovy,
Paschenovy a daldich spektralnich sérii. Smérem k hrandm sérii se intenzita car ponékud
zeslabuje, roste vak jejich Cetnost, pobliz hran se jednotlivé Cary zacnou slévat a spojité
pfejdou do kontinua piisluénych sérii. Tato kontinua jsou patrna jen v bezprostiedni blizkosti
hrany série, smérem ke krat§im vlnovym délkidm intenzita kontinua rychle slibne. Pies celé
spektrum se pieklada emisni kontinuum s fotony vzniklymi zachycenim volnéhoe elektronu
neutrdlnim ientem vodiku, kterymzto procesem vznika jiz zminovany negativni iont vodiku.
Intenzita spektralnich car a kontinua zavisi na teploté. Zpocatku rychle roste, nabude jistého
maxima, pii vys& teploté viak zacne intenzita zéfeni vodiku klesat. To souvisi se skute¢nosti,
Ze se zvySujici se teplotou zacne rapidné klesat zastoupeni slabé vazaného negativniho iontu
vodiku a naopak zacne naristat podil ionizovanych atomd, protont a volnych elektrond, ktere
samy nezafi. Méni se 1 poméry intenzity zafeni v jednotlivich ¢arach.

Nyni si piedstavme, Ze pii téze teplot® zaéneme zvétovat hustotu plynu. Spektrum plynu se
zpotatku nebude ménit, jen se bude zvySovat Intenzita zéf'eni, a to zhruba ameérné zvysujici se

koncentraci atomi. Teprve pii daldim ndristu hustoty zacneme pozorovat jisté odli€nosti. Co se




zmeénilo? Veskeré procesy probihaji tak jako pedtim, oviem s tim rozdilem, Ze sdm zkoumany
plyn zacne pro unikajici fotony piedstavovat pfekazku. Ne viechny emitované fotony stadi
uniknout. Atomy vodiku zacnou tyto fotony rozptylovat a téz absorbovat. Celd situace se tim
patiicné zkomplikuje.

Nejvyraznéji se to projevi praveé ve spektralnich €ardch, kde je plyn opticky nejhustéjii. Vétdina
vzniklych fotont je pak vzapéti znovu pohleena. Upozoriiyji, ze uz nemusi byt znovu vyzafena,
nebot’ v hustéj§im plynu ¢asto dochdzi k srdzkové deexcitaci, jez vede k nahfivani plynu. Rast
Intenzity spektrilnich car se znacné zpomali, pozdé takika zastavi.

Tento proces se z podatku njak nedotkne kontinua, kde je fotonh jen posktovnu. S rostouci
hustotou véak zaéne kontinuum, co do intenzity spektralni ¢ary dohanét. V limité se prostor

mezl nimi kontinuem zcela vyplni a emisni ¢iry ze spektra vymizi RozloZeni energie ve

spektru bude pfesné odpovidat zafeni absolutné Cerného télesa pfisluiné teploty. Bude tedy

zcela lhostejné, Ze zifici, opticky husty plyn je pravé vodik. Mohl by to byt zcela jiny plyn
nebo téz kapalné ¢i pevne t€leso zahidté na piisluSnou teplotu

K stejnému  vysledku, jako zvySenim koncentrace c¢astic, lze oviem dospét 1 jinak —
dostateCnym zvétienim zkoumaného objemu tak, aby rozméry niddrze s plynem byly o dost
vét§l nez stifedni volnd draha fotonu libovolné vinové délky. T takto rozsihly objem plynu bude
pouze spojite zafeni odpovidajici zafeni absolutné cerného télesa.

V astrofyzikalni praxi se s touto situaci bézné setkdvame v nitrech hvézd, kde je stiedni volna
drdha fotonu nesrovnatelné mendi, nez jsou rozmeéry hvézdy. Naproti tomu ve hvézdnych
fotosférach je stfedni volnd driha fotonu srovnatelnd s tlou§tkou fotosféry, tj. z atmosfeéry

mohou jiz fotony volné unikat.
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5. Radiation Mechanisms

In the previous chapters we have studied the physical
properties and detection of electromagneticradiation.
Next we shall briefly discuss concepts related to emis-
sion and absorption of radiation. Since we can give here
only a summary of some essential results without delv-
ing into quantum mechanical explanations, the reader
interested in the details is advised to consult any good
physics textbook.

5.1 Radiation of Atoms and Molecules

Electromagnetic radiation is emitted or absorbed when
an atom or a molecule moves from one energy level
to another. If the energy of the atom decreases by an
amount AFE, the atom emits or radiates a quantum
of clectromagnetic radiation, called a photon, whose
frequency v is given by the equation

AE=hv, (5.1)

where % is the Planck constant, it = 6.6256 x 107 Js.
Similarly, if the atom receives or absorbs a photon of
a frequency v, its energy increases by AE = hv.

The classical model describes an atom as a nucleus
surrounded by a swarm of electrons. The nucleus con-
sists of Z protons, each having a charge +e¢ and &
clectrically neutral neutrons; Z is the charge mimber of
the atom and A = Z+ N is its mass menber. A neutral
atom has as many clectrons {charge —e) as protons.

An energy level of an atem usually refers toanenergy
level of its electrons. The energy E of an electron cannot
take arbitrary values; only certain energies are allowed:
the encrgy levels are guantized. An atom can cmit or
absorb radiation only at certain frequencies vy corre-
sponding to encrgy differences between some initial
and final states i and f: | E; — Ej| = hvy. This gives rise
to the line spectram, specific foreach element (Fig. 5.1).
Hot gas under low pressure produces an emission spec-
trum consisting of such discrete lines. If the same gas
is cooled down and observed against a source of white
light (which has a continuous spectrum), the same lines
are seen as dark absorption lines.

At low temperatures most atoms are in their lowest
encrgy state, the ground state. Higher energy levels are
excitation states; a transition from lower to higher state
is called excitation. Usually the excited atom will re-
turn to the lower state very rapidly, radiating a photon
(spontaneous emission); a typical lifetime of an excited
state might be 10~# seconds. The frequency of the emit-
ted photon is given by (5.1). The atom may return to the
lower state directly or through some intermediate states,
emitting one photon in each transition.

Downward transitions can also be induced by radi-
ation. Suppose our atom has swallowed a photon and
become excited. Another photon, whose frequency v
corresponds to some possible downward transition from
the excited state, can now irritate the atom, causing it
to jump to a lower state, cmitting a photon with the
same frequency v. This is called induced or stimu-
lated emission. Photons emitted spontancously leave
the atomrandomly in all directions with random phases:
the radiation is isotropic and incoherent. Induced radi-
ation, on the other hand, is cokerent; it propagates in
the same direction as and in phase with the inducing
radiation.

The zero level of the encrgy states is usually chosen
s0 that a bound electron has negative energy and a free
clectron positive encrgy (cf. the energy integral of plan-
ctary orbits, Chap.6). If an electron with energy E < 0O
receives more encrgy than | E|, it will leave the atom,
which becomes an ion. In astrophysics icnization is of-
ten called a bound-free transition (Fig. 5.2). Unlike in
excitation all values of energy (E = Q) are now possi-
ble. The extrancous part of the absorbed energy goes to
the kinetic energy of the liberated electron. The inverse
process, in which an atom captures a free electron, is
the recombination or free-bound transition.

When an electron scatters from a nucleus or an ion
without being captured, the electromagnetic interaction
can change the kinetic energy of the electron produc-
ing free—free radiation. Tn a very hot gas (T 10° K)
hydrogen is fully ionized, and the free—frec radiation is
the most important source of emission. It is then usu-
ally called thermal bremsstrabiung. The latter part of
the name derives from the fact that decelerating elec-
trons hitting the anode of an X-ray tube emit similar
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Fig. 5.1a,b. Origin of line spectra. {a) Emission spectrum.
Atoms of glowing gas returning from excited states to lower
states emit photons with frequencies comesponding to the
energy difference of the states. Each element emits its own
characteristic wavelengths, which can be measured by spread-

E

(1}
Excited
states

Ground 3 3
state

- —~ - o

Absartrtion Emission Ionization Recombination Free—free
Fig, 5.2. Different kinds of transitions between energy levels.
Absorption and emission occur between two bound states,
whereas ionization and recombination occur between a bound
and a free state. Interaction of an atom with an free electron
can result in a free—frec transition

ing the light into a spectrum with a prism or diffraction
grating. (b) Absorption spectrum. When white light con-
taining all wavelengths travels through gas, the wavelengths
characteristic of the gas are absorbed

radiation. In an analogous way the absorption process
can be called a bound-bound transition.

Electromagnetic radiation is transverse wave motion;
the electric and magnetic fields oscillate perpendicular
to each other and also perpendicular to the direction
of propagation. The light of an ordinary incandescent
lamp has a random distribution of electric fields vi-
brating in all directions. If the directions of electric
fields in the plane perpendicular to the direction of
propagation are not evenly distributed, the radiation is
polarized (Fig. 5.3). The direction of polarization of fin-
early polarized light means the plane determined by
the electric vector and the direction of the light ray.
If the electric vector describes a circle, the radiation
is circularly polarized. If the amplitude of the elec-
tric field varics at the same time, the polarization is
elliptic.




5.2 The Hydrogen Atom

Fig. 5.3, Polarization of light. The light of an incandescent
bulb contains all possible directions of vibration and is there-
fore unpolarized. Some crystals, for example, pass electric
fields oscillating only in certain directions, and the transmit-
ted part of the light becomes linearly polarized. E is the electric
field and B the magnetic field

If polarized radiation travels through a magnetic
field, the dircction of the polarization will rotate. The
amount of such Faraday rotation is proportional to the
component of the magnetic field parallel to the line of
sight, number of clectrons along the line of sight, dis-
tance travelled, and squarc of the wavelength of the
radiation.

Scattering is an absorption followed by an instan-
tancous emission at the same wavelength but usually
in a new direction. On the macroscopic scale, radia-
tion seems to be reflected by the medium. The light
coming from the sky is sunlight scattered from atmo-
spheric molecules. Scattered light is always polarized,
the degree of polarization being highest in the direction
perpendicular to the direction of the original radiation.

5.2 The Hydrogen Atom

The hydrogen atom is the simplest atom, consisting of
a proton and an clectron. According to the Bohr model
the electron orbits the proton in a circular orbit. (In
spite of the fact that this model has very little to do
with reality, it can be successfully used to predict some
properties of the hydrogen atom.) Bohr’s first postulate
says that the angular momentum of the electron must be
amultiple of %:

mur=nh, (3.2)

where

m = mass of the electron ,
v = speed of the electron ,
r = radius of the orhit ,
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n = the principal quantum number ,
n=1273 ...,
R—h/j2r,

7 = the Planck constant .

The quantum mechanical interpretation of Bohr’s
first postulate is obvious: the electron is represented
as a standing wave, and the “length of the orbit”
must be a multiple of the de Broglie wavelength,
A=k p=FR/mv.

A charged particle in a circular orbit (and thus in
accelerated motion) should emit electromagnetic radia-
tion, losing energy, were it to obey the rules of classical
electrodynamics. Therefore our electron should spiral
down towards the nucleus. But obviously, Nature does
not behave this way, and we have to accept Bohr's sec-
ond postulate, which says that an electron moving in
an allowed orbit around a nucleus does not radiate. Ra-
diation is emitted only when the electron jumps from
a higher encrgy state to a lower one. The emitted quan-
tum has an energy #v, equal to the energy difference of
these states:

hv=E, —E, . (5.3)

We shall now try to find the energy of an electron in
the state E,. Coulomb’s law gives the force pulling the
electron towards the proton:

1 &

= =
e 12

(5.4)

where
£y = the vacuum permittivity
=885 107" N"'m™ C?,
e = the charge of the electron = 1.6 x 1072 €,

r, = the distance between the electron
and the proton .

The acceleration of a particle moving in a circular
orbit of radius 7, is

v
a=—",

rﬂ.
and applying Newton's second law (F = ma), we get
mu? 1 &

= 5.5
P weq r2 (3:5)
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From (5.2) and (5.5) it follows that

e

1

dreh®
v, = -, =
" dmeghin

n
me?

The total energy of an electron in the orbit n is now

1 1 e
E,=T+V=oml——"
2" dmeyr,
(5.6)
_ me* 1 c 1
T 32alelpin?T n?”

where C is a constant. For the ground state (r = 1), we
get from (5.6)

E = —218x107%T= —136cV.

E [eV(')]

From (5.3) and (5.6) we get the energy of the quantum
emitted in the transition E,, — E,.:

1 1
h=E, —E, =C|l———=].
R

In terms of the wavelength J. this can be expressed as

C 1 1 1 1
—— (== )=R(=—-=], 58
(nf nz) (nf ng) (5.:8)

(57)

" e

where R is the Rydberg constant, R =1.097 x 107 m~1.

Equation (5.8) was derived experimentally forn; = 2
by Johann Jakob Balmer as early as 1885. That is why
we call the set of lines produced by transitions E, — £,
the Balmer series. These lines arc in the visible part of
the spectrum. For historical reasons the Balmer lines are
often denoted by symbols Hy, Hg, H, etc. If the electron
returns to its ground state (E,, — E)), we get the Lyman

c
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Fig. 5.4. Transitions of ahy-
drogen atom. The lower
picture shows a part of
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the spectrum of the star D

HD193182. On both sides
of the stellar spectrum we
see an emission spectrum
of iron. The wavelengths
of the reference lines are
known, and they can be
used to calibrate the wave-
lengths of the observed
stellar spectrum. The hy-
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drogen Balmer lines are
seen as dark absorption
lines converging towards
the Balmer jonization limit
(also called the Balmer dis-
continuity) at . = 364.7 nm
to the left. The numbers
(15, . ..,40) refer to the
quantum number n of the
higher energy level. (Photo
by Mt. Wilson Observatory )




5.3 LineProfiles

series, which is in the uliraviolet. The other series with
specific names are the Paschen series (n) = 3), Bracket
series (n) =4) and Pfind series (n, = 3) (scc Fig. 5.4).

5.3 Line Profiles

The previous discussion suggests that spectral lines
would be infmitely narrow and sharp. In reality, how-
ever, they are somewhat broadened. We will now
consider briefly the factors affecting the shape of a spec-
tral line, called a line profile. An exact treatment would
take us too deep into quantum mechanics, so we cannot
go into the details here.

According to quantum mechanics everything cannot
be measured accurately at the same time. For example,
even in principle, there is no way to determine the x co-
ordinate and the momentum g, in the direction of the
x axis with arbitrary precision simultancously. These
quantities have small uncertaintics Ax and Ap,, such

that
AxAp, = k.

A similar relation holds for other directions, too.
Time and energy are also connected by an uncertainty
relation,

AEAt &= |

The natural width of spectral lines is a consequence of
this Heisenberg uncertainty principle.

If the average lifetime of an excitation state is T, the
energy corresponding to the transition can only be de-
termined with an accuracy of AE = F/T = k/(27T).
From (5.1) it follows that Av = AF/k. In fact, the un-
certainty of the energy depends on the lifetimes of both
the initial and final states. The naneral width of aline is

defined as
AE+AE; 11
- = 4. 39
. T (5.9
It can be shown that the corresponding line profile is
I
v o (5.10)

M= (v +y2/4°
where v is the frequency at the centre of the line and
I, the total intensity of the line. At the centre of the line
the intensity per frequency unit is

2
Io= 0o

and at the frequency v = vo+ 172,

1 1
1 =—nh=-5,.
vo+y/2 o 0= 3w

Thus the width y is the width of the line profile at
a depth where the intensity is half of the maximum.
This is called the fielf width at half maximuan (FWHM).

Doppler Broadening. Atoms of a gas are moving the
faster the higher the temperature of the gas. Thus spec-
tral lines arizsing from individual atoms are shifted by
the Doppler effect. The observed line consists of a col-
lection of lines with different Doppler shifts, and the
shape of the line depends on the number of atoms with
different velocities.

Each Doppler shifted line has its characteristic natu-
ral width. The resulting line profile is obtained by giving
cach Doppler shifted line a weight proportional to the
number of atoms given by the velocity distribution and
integrating over all velocities. This gives rise to the Voigt
profile (Fig. 5.5), which already describes most spectral
lines quite well. The shapes of different profiles don’t

Fig, 5.5. Each spectral line has its characteristic natural width
(solid line). Motions of particles broaden the line further due
to the Doppler effect, resulting in the Voigt profile {(dashed
line). Both profiles have the same arca
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Fig. 5.6. The full width at half maximum (FWHM) of a spec-
tral line is the width at the depth where the intensity is half of
the maximum. The equivalent width W is defined so that the
line and the shaded rectangle have the same area in the pic-
ture. The two measures are not generally the same, although
they usually are close to each other

seem very different; the most obvious consequence of
the broadening is that the maximum depth decreases.

One way to describe the width of a line is to give its
full width at half maximum (Fig. 5.6}. Due to Doppler
broadening this is usually greater than the natural width.
The equivalent widih is another measure of a line
strength. It is the area of a rectangular line that has
the same area as the line profile and that emits no light
at all. The equivalent width can be used to describe
the energy corresponding to a line independenly of the
shape of the line profile.

5.4 Quantum Numbers, Selection
Rules, Population Numbers

Quantum Numbers. The Bohr model needs only one
quantum number, #, to describe all the energy levels of
the electron. This can explain only the coarse features
of an atom with a single clectron.

Quantum mechanics describes the electron as a three
dimensional wave, which only gives the probability of
finding the clectron in a certain place. Quantum me-
chanics has accurately predicted all the encrgy levels
of hydrogen atoms. The energy levels of heavier atoms
and molecules can also be computed; however, such
calculations are very complicated. Also the existence of

quantum numbers can be understood from the quantum
mechanical point of view.

The quantum mechanical description involves four
quantum numbers, one of which is our n, the principai
gquantum number. The principal quantum number de-
scribes the quantized energy levels of the electron. The
classical interpretation of discrete energy levels allows
only certain orbits given by (5.6). The orbital angular
momentum of the electron is also quantized. This is de-
scribed by the angular momenmm quantum rmumber 1.
The angular momentum corresponding to a quantum
number { is

L=yKi+1DE.

The classical analogy would be to allow some elliptic
orbits. The quantum number / can take only the values

{=0,1,...,n—1.

For historical reasons, these are often denoted by the
letters s, p. d, f, g .1, j.

Although { determines the magnitude of the angular
momentum, it does not give its direction. In a mag-
netic field this direction is important, since the orbiting
clectron also generates a tiny magnetic field. In any
experiment, only one component of the angular momen-
tum can be measured at a time. In a given direction z
(e. g. in the direction of the applied magnetic field), the
projection of the angular momentum can have only the
values

LZ = m;ﬁ a
where m; is the magnetic quantum mimber
mp=0,=£1,£2, ..., %l

The magnetic quantum number is responsible for
the splitting of spectral lines in strong magnetic fields,
known as the Zeeman effect. For example, if i =1, m;
can have 2{ + 1 = 3 different values. Thus, the line aris-
ing from the transition / = 1 — I = O will splitinto three
components in a magnetic field (Fig. 5.7).

The fourth quantum number is the spin describing
the intrinsic angular momentum of the electron. The
spin of the electron is

S=+/s(s+ 1R,
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Fig. 5.7. The Zeeman effect. In sttong magnetic fields each
energy level of a hydrogen atom splits into (2] + 1) separate
levels, which correspond to different values of the magnetic
quantum numberm; =1,1 —1, ..., —I. The energy differences
of the successive levels have the same constant value A E. For
example the p state (] = 1) splits into three and the d state
(I = 2) into five sublevels. The selection rules require that
in electric dipole transitions Am; equals O or £1, and only
nine different transitions between p and J states are possible.
Moreover, the transitions with the same Am; have the same
energy difference. Thus the spectrum has only three separate
lines

where the spin quantum number is s = 1. In a given
direction g, the spinis

where m, can have one of the two values:

1

m, =+ 7"

All particles have a spin quantum number. Parti-
cles with an integral spin are called bosons (photon,
mesons); particles with a half-integral spin are fermions
(proton, neutron, electron, neutrinoe etc.).

Classically, spin can be interpreted as the rotation of
a particle; this analogy, however, should not be taken
too literally.

The total angular meomentum J of an electron is the
sum of its orbital and spin angular momentum:

J=L+5.

Depending on the mutual crientation of the vectors L
and 5 the quantum number ; of total angular momentum
can have one of two possible values,

i =1+ !

J= 3"
(except if { =0, when j = %) The z component of the
total angular momentum can have the values

m;=0,+1,£2,...+7.

Spin alse gives rise to the fine structure of spectral
lines. Lines appear as close pairs or doublets.

Selection Rules. The state of an electron cannet change
arbitrarily; transitions are restricted by selection rules,
which follow from certain conservation laws. The se-
lection rules express how the quantum numbers must
change in a transition. Most probable are the electric
dipole transitions, which make the atom behave like an
oscillating dipole. The conservation laws require that in
a transition we have

Al =1,
Am; =0, L1

In terms of the total angular momentum the sclection
rules are

Al =1,
Aj =041,
Am;=0,+1.

The probabilitics of all other transitions are much
smaller, and they are called forbidden transitions; exam-
ples are magnetic dipole transitions and all quadrupole
and higher multipole transitions.

Spectral lines originating in forbidden transitions are
called forbidden lines. The probability of such a tran-
sition is so low that under normal circumstances, the
transition cannot take place before collisions force the
electron to change state. Forbidden lines are possible
only if the gas is extremely rarified (like in auroras and
planetary nebulae).
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Fig. 5.8. The origin of the hydrogen 21 cm line. The spins of
the electron and the proton may be either parallel or opposite.
The energy of the former state is slightly larger. The wave-
length of a photon corresponding to a transition between these
states is 21 cm.

The spins of an electron and nucleus of a hydrogen
atom can be cither parallel or antiparallel (Fig. 5.8). The
energy of the former state is 0.0000059 ¢V higher. But
the selection rules make an clectric dipole transition be-
tween these states impossible. The transition, which is
a magnetic dipole transition, has a very low probability,
A=128x10"Y 3L This means that the average life-
time of the higher state is T=1/4 =11 x 10° years.
Usually collisions change the state of the electron well
before this period of time has clapsed. But in interstel-
lar space the density of hydrogen is so low and the total
amount of hydrogen so great that a considerable number
of these transitions can take place.

The wavelength of the radiation emitied by this
transition is 21 cm, which is in the radio band of the
spectrum. Extinction at radio wavelengths is very small,
and we can observe more distant objects than by using
optical wavelengths. The 21 cm radiation has been of
crucial importance for surveys of interstellar hydrogen.

Population Numbers. The population number n; of an
energy state I means the number of atoms in that state
per unit volume. In thermal equilibrium, the population

-1 I I I PR (00 0

Fig, 59. Spectum of carbon monoxide CO from 430 nm to
670 nm. The various bands correspond to different vibrational
transitions. Each band is composed of numerous rotational
lines. Near the right edge of each band the lines are so closely

numbers obey the Bolrgmann distribution:

B B -ARGT)

o 8o
where T is the temperature, & is the Boltzmann constant,
AE = E;— Ey = hv is the energy difference between
the excited and ground state, and g; is the statistical
weight of the level i (it is the number of different states
with the same energy E;). The subscript 0 always refers
to the ground state. Often the population numbers differ
from the values given by (5.11), but still we can define
an excitation temperaiure Tq in such a way that (5.11)
gives carrect population numbers, when T is replaced
by Texe. The excitation temperature may be different for
different encrgy levels.

5.11)

5.5 Molecular Spectra

The energy levels of an atom are determined by its elec-
trons. In the case of a molecule, there are many more
possibilitics: atoms can vibrate around their equilibria
and the molecule can rotate around some axis. Both vi-
brational and rotational states are quantized. Transitions
between successive vibrational states typically involve
photons in the infrared band, while transitions between
rotational states involve photons in the microwave band.
These combined with transitions of electrons produce
aband spectrum, characteristic for molecules (Fig. 5.9).
The spectrum has several narrow bands composed of
a great number of lines.

5.6 Continuous Spectra

We have already mentioned some processes that pro-
duce continuous spectra. Continuous emission spectra
can originate in recombinations and free—free tran-
siions. In recombination, an atom captures a free

650 [num]

packed that they overlap and at this resolution, the spectrum
looks continuous. (R.W.B. Pearse, A.G. Gaydon: The [denti-
Sication of Molecular Spectire (Chapman & Hall Ltd., London
1976) p. 39%4)
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clectron whose energy is not quantized; in free—free
transitions, both initial and final states are unquan-
tized. Thus the emission line can have any frequency
whatsoever. Similarly, ionizations and free—free tran-
siions can give rise to a continuous absorption
spectrum.

Each spectrum contains a continuous component, or
confimaen, and spectral lines. Sometimes, however, the
lines are so closely packed and so broad that they scem
to form a nearly continuous spectrum.

When the pressure of hot gas is increased, the spec-
tral lines begin to broaden. At high pressure, atoms
bump into each other more frequently, and the close
neighbors disturb the energy levels. When the pres-
sure is high enough, the lines begin to overlap. Thus
the spectrum of hot gas at high pressure is continu-
ous. Electric fields alse broaden spectral lines (the Stark
cifect).

In liquids and solids the atoms are more denscly
packed than in gaseous substances. Their mutual
perturbations broaden the energy levels, producing
a continuous spectrum.

5.7 Blackbody Radiation

A blackbody is defined as an object that does not reflect
or scatter radiation shining upon it, but absorbs and re-
cmits the radiation completely. A blackbody is a kind of
an ideal radiator, which cannot exist in the real world.
Yet many objects behave very much as if they were
blackbodies.

The radiation of a blackbody depends only on its
temperature, being perfectly independent of its shape,
material and internal constitution. The wavelength dis-
tribution of the radiation follows Planck’s law, which
is a function of temperaturc only. The intensity at
a frequency v of a blackbody at temperature T is

203 1

BuMy=58vi Ty=—"am 1>

(5.12)

where

% = the Planck constant = 6.63 % 107 Ts |
¢ = the speed of light & 3 x 108 ms~!
& = the Boltzmann constant = 1.38 x 10~ TK~! .

By definition of the intensity, the dimension of B, is
W2 Hz! sterad L.

Blackbody radiation can be produced in a closed
cavity whose walls absorb all radiation incident upon
them (and coming from inside the cavity). The walls
and the radiation in the cavity are in equilibrium; both
are at the same temperature, and the walls emit all the
energy they receive. Since radiation energy is constantly
transformed into thermal energy of the atoms of the
walls and back to radiation, the blackbody radiation is
also called thermal radiation.

The spectrum of a blackbody given by Planck’s law
(5.12) is continuous. This is true if the size of the radiator
is very large compared with the dominant wavelengths.
In the case of the cavity, this can be understood by con-
sidering the radiation as standing waves trapped in the
cavity. The number of different wavelengths is larger,
the shorter the wavelengths are compared with the size
of the cavity. We already mentioned that spectra of solid
bodies are continuous; very often such spectra can be
quite well approximated by Planck’s law.

‘We can also write Planck’s law as a function of
the wavelength. We require that B, dv = —B; di. The
wavelength decreases with increasing frequency; hence
the minus sign. Since v = ¢/, we have

dv c
TR (5.13)
whence
dv ¢
By, =*Bua= Bu;?, (5.14)
or
BT 2hc? 1
(T = 25 chelOET) 1 ° (5.15)

[B)]=Wm 2m 'sterad .
The functions B, and B, are defined in such a way that

the total intensity can be obtained in the same way using
cither of them:

oo o0
B(T):fBUdv:V/Bkdl.

o 0
Let us now try to find the total intensity using the

first of these integrals:
oo o0
2k vidy

B(Ty= | B(Tydv= = | e o1

a a
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We now change the integration variable tox = kv /(kT),
whence dv = (XT/R)dx:

<=1

a4
B(T):zhk T4f

e Bt

x dx
er—1"

o

The definite integral in this expression is just a real
number, independent of the temperature. Thus we find
that

B(T)=AT*, (5.16)
where the constant A has the value

_ 2k 7t 5.7

TR s A7)

{In order to get the value of 4 we have to evaluate the
integral. There is no elementary way to do that. We can
tell those who are familiar with all the exotic functions
s0 beloved by theoretical physicists, that the integral can
rather easily be expressed as I'(4)Z(4), where £ is the
Riemann zeta function and 7 is the gamma function.
For integral values, {{n) is simply the factorial (n — 13!
The difficult part is showing that (4 = z*/90. Thiscan
be done by expanding x* — x* as a Fourier-series and
evaluating the series at x =m.)

The flux density # for isotropic radiation of intensity
Biz (Sect.4.1):

F=xB
or
F=oT". (5.18)

This is the Stefan-Boltgmann law, and the constant o
(= ®A) is the Stefan-Boltgnann constant,

6 =567x107°Wm K™,

From the Stefan-Boltzmann law we get a relation
between the luminosity and temperature of a star. If the
radius of the star is R, its surface arca is 4w R*, and if
the flux density on the surface is ', we have

L = 4%R°F .

If the star is assumed to radiate like a blackbody, we
have ¥ = ¢T*, which gives

L = 4xaR°T* . (5.19)

In fact this defines the effeciive temperanure of the star,
discussed in more detail in the next section.

The luminosity, radius and temperature of a star are
interdependent quantities, as we can see from (5.19).
They are also related to the absolute bolometric magni-
tude of the star. Equation (4.13) gives the difference of
the absolute bolometric magnitude of the star and the
Sun:

L
Mooy — My = ~2.51g 7. (5.20)
@

But we can now use (5.19) to express the luminosities
in terms of the radii and temperatures:

R T
My —Miar,o = ~5lg —— —101g — . (5.21)
o] O]

As we can see in Fig.5.10, the wavelength of the
maximum intensity decreases with increasing total in-
tensity (equal to the area below the curve). We can find
the wavelength Ay comresponding to the maximum in-
tensity by differentiating Planck’s function B, (T7) with

500 om 1,000 nm A

Fig. 5.10. Intensity distributions of blackbodies at temperature
12,000 K, 9000 K and 6000 K. Since the ratios of the temper-
atures are 4:3:2, the wavelengths of intenzity maxima given
by the Wien displacement law are in the proportions 1:4, 1:3
and 1:2, or 3, 4 and 6. The actual wavelengths of the maxima
are 241.5 nm, 322 nm and 483 nm. The total intensities or the
arcas below the curves are proportional to 4%, 3* and 2*
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respect to A and finding zero of the derivative. The result
is the Wien displacement law:

(5.22)

Amax] = b = const,
where the Wien displacement constant b is
b=00028978 Km .

We can use the same procedure to find the maximum
of B,. But the frequency vy, thus obtained is different
from vimax = ¢/ Amax given by (5.22). The reason for this
is the fact that the intensities are given per unit frequency
or unit wavelength, and the dependence of frequency on
wavelength is nonlinear.

When the wavelength is near the maximum or much
longer than Ay, Planck’s function can be approx-
imated by simpler expressions. When A & dp, (or
e/ (kT > 1), we have

GhefORTY 5, 1

In this case we get the Wien approximation

2he?
Bi(T) r A—fe—’”mm . (5.23)

When fic/(AkT)Y < 1 (A 3% Amux), we have
M o | e (WET)

which gives the Rayieigh—Jeans approximation

2hc® AT 26kT
2 ke 8

Bu(T) m (5.24)
This is particularly useful in radio astronomy.
Classical physics predicted only the Rayleigh—Jeans
approximation. Were (5.24) true for all wavelengths, the
intensity would grow beyond all limits when the wave-
length approaches zero, contrary te observations. This
contradiction was known as the ultraviolet catastrophe.

5.8 Temperatures

Temperatures of astronomical objects range from al-
most absolute zero te millions of degrees. Temperature
can be defined in a variety of ways, and its numerical
value depends on the specific definition used. All these
different temperatures are necded to describe different

physical phenomena, and often there is no unique “true’
temperature.

Often the temperature is determined by comparing
the object, a star for instance, with a blackbody. Al-
though real stars do not radiate exactly like blackbodies,
their spectra can usually be approximated by blackbody
spectra after the effect of spectral lines has been elim-
inated. The resulting temperature depends on the exact
criterion used to fit Planck’s function to observations.

The most important quantity describing the surface
temperature of a star is the effective temperature T,.
It is defined as the temperature of a blackbody which
radiates with the same total flux density as the star.
Since the cffective temperature depends only on the
total radiation power integrated over all frequencies, it
is well defined for all energy distributions even if they
deviate far from Planck’s law.

In the previous section we derived the Stefan-
Boltzmann law, which gives the total flux density as
a function of the temperature. If we now find a value T,
of the temperature such that the Stefan-Boltzmann law
gives the correct flux density ' on the surface of the
star, we have found the effective temperature. The flux
density on the surface is

F=aT}. (5.25)
The total flux is L = 4w R F, where R is the radius of
the star, and the flux density at a distance r is

F= (%)2 oT?,
where @ = 2R /r is the observed angular diameter of the
star. For direct determination of the effective tempera-
ture, we have to measure the total flux density and the
angular diameter of the star. This is possible only in
the few cases in which the diameter has been found by
interferometry.

If we assume that at some wavelength ) the fux
density £ on the surface of the star is obtained from
Planck’s law, we get the brighiness temperature I, In
the isotropic case we have then Fy, =B, (7). If the
radius of the staris R and distance from the Earth r, the
observed flux density is

L R
T dmrt T2

!

(5.26)

F':R—zF;L
A 2 :
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Again F) can be determined only if the angular diame-
ter & is known. The brightness temperature 73, can then
be selved from

= (%)zmm (T

Since the star does not radiate like a blackbody,
its brightness temperature depends on the particular
wavelength used in (5.27).

In radio astronemy, brightness temperature is used
to express the intensity (or surface brightness) of the
source. If the intensity at frequency v is I, the brightness
temperature is obtained from

(5.27)

1, = By,(Th) .

Ti, gives the temperature of a blackbody with the same
surface brightness as the observed source.

Since radio wavelengths are very long, the condition
fv < kT of the Rayleigh-Jeans approximation is usu-
ally satisfied (except for millimetre and submillimetre
bands), and we can write Planck’s law as

2 1
By (k)= 2 Ty _ |
2w 1
T2 1R ER) ..
2kv?
] i
&2 b

Thus we get the following expression for the radio
astronomical brightness temperature:
2 2
R
&2 2k
A measure of the signal registered by a radio
telescope is the antenna temperature Ty. After the an-
terma temperature is measured, we get the brightness
temperature from

T, 1. (5.28)

Ta=1Tp, (5.29)

where 7 is the beam efficiency of the antenna (typically
0.4 < 5 < 0.8). Equation (5.29) helds if the source is
wide enough to cover the whole beam, i.e. the solid
angle 2 from which the anterma receives radiation. If
the solid angle subtended by the source, £25, is smaller
than £24, the observed antenna temperature is

2g
Ta=n—1;,

2 24) .
o (25 = £24)

(5.30)

The colour temperature T, can be determined even
if the angular diameter of the source is unlmown
(Fig. 5.11). We only have to know the relative encrgy
distribution in some wavelength range [, A;]; the ab-
solute value of the flux is not needed. The observed flux
density as a function of wavelength is compared with
Planck’s function at different temperatures. The tem-
perature giving the best fit is the colour temperature in
the interval [A), A2]. The colour temperature is usually
different for different wavelength intervals, since the
shape of the observed encrgy distribution may be quite
different from the blackbody spectrum.

A simple method for finding a colour temperature is
the following. We measurce the flux density F; at two
wavelengths i) and ;. If we assume that the intensity
distribution follows Planck’s law, the ratio of these flux
densitics must be the same as the ratio obtained from
Planck’s law:

Fi (T BTy adeke/tafl)
FLT)Y By (T) 2 ke — 17

(5.31)

The temperature ¥ solved from this equation is a colour
temperature.

The observed flux densitics correspond to certain
magnitudes m;,; and m;, . The defmition of magnitudes
gives

F
m;, —my, = —2.51g —+ +const,
FJ\.
z
where the constant termis aconsequence of the different
zero points of the magnitude scales. If the temperature

Fig. 5.11. Determination of the colour temperature. The ratio
of the flux densities at wavelengths 41 and Az gives the tem-
perature of a blackbody with the same ratio. In general the
result depends on the wavelengths chosen
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is not too high, we can use the Wien approximation in
the optical part of the spectrum:

2519 24
my, —n, = —2 gﬁ—f—const
2

5
A
=—-251g| —
g(’»l)

dasto N et const
ST\ ge+const .

This can be written as

My, —my, =a+b/T:, (5.32)

where @ and b are constants. This shows that there
is a simple relationship between the difference of two
magnitudes and the colour temperature.

Strictly speaking, the magmitudes in (5.32) are
monochromatic, but the same relation can be also used
with broadband magnitudes like B and V. In that case,
the two wavelengths are essentially the effective wave-
lengths of the B and V' bands. The constant is chosen
so that B—V =0 for stars of the spectral type AO
(sce Chap. 8). Thus the colour index B — V' also gives
a colour temperature.

The kineric temperature Ty, is related to the average
speed of gas molecules. The kinetic energy of an ideal
gas molecule as a function of temperature follows from
the kinetic gas theory:

o 1 5 3
Kinetic energy = qmv = Eka .

Solving for T, we get

mv2

3
where m is the mass of the molecule, v its average ve-
locity (or rather its r.m.s velocity, which means that
2 is the average of the squared velocities), and &, the
Boltzmann constant. For ideal gases the pressure is di-
rectly proportional to the kinetic temperature (c.f. ¥Gas
Pressurc and Radiation Pressure, p. 238):

T = (5.33)

P=nkl, (5.34)

where n is the number density of the molecules
{molecules per unit volume). We previously defined the
cxcitation temperature T,y as a temperature which, if
substituted into the Boltzmann distribution (5.11}, gives

the observed population numbers. If the distribution of
atoms in different levels is a result of mutual collisions
of the atoms only, the excitation temperature equals the
kinetic temperature, Ty, = Ty,

The ionization temperature T; is found by compar-
ing the number of atoms in different states of ionization.
Since stars are not exactly blackbodies, the values of
excitation and ionization temperatures usually vary, de-
pending on the element whose spectral lines were used
for temperature determination.

In thermodynamic equilibrivm all these various
temperatures are equal.

5.9 Other Radiation Mechanisms

The radiation of a gas in thermodynamic equilib-
rium depends on the temperature and density only. In
astrophysical objects deviations from thermodynamic
equilibrium are, however, quite common. Some ex-
amples of non-thermal radiation arising under such
conditions are menticned in the following.

Maser and Laser (Fig.5.12). The Boltzmann distri-
bution (5.11) shows that usually there are fewer atoms
in excited states than in the ground state. There are,
however, means to produce a population inversion, an
excited state containing more atoms than the ground
state. This inversion is essential for both the maser and
the laser (Microwave/Light Amplification by Stimu-
lated Emission of Radiation). If the excited atoms are
now illuminated with photons having encrgies equal to
the excitation energy, the radiation will induce down-
ward transitions. The number of photons emitted greatly
exceeds the number of absorbed photons, and radiation
is amplified. Typically the excited state is a metasiable
state, a state with a very long average lifetime, which
means that the contribution of spontancous emission is
negligible. Therefore the resulting radiation is coher-
ent and monochromatic. Several maser sources have
been found in interstellar molecular clouds and dust
envelopes around stars.

Synchrotron Radiation. A free charge in accelerated
motion will emit electromagnetic radiation. Charged
particles moving in a magnetic ficld follow helices
around the field lines. As scen from the direction of
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Fig. 5.12. The operational principle of the maser and the laser.
A metastable state (a state with a relatively long average life-
time) stores atoms where they accumulate; there are more
atoms in the metastable state than in the ground state. This pop-
ulation inversion is maintained by radiatively exciting atoms
to a higher excitaton state (“pumping”), from which they
spontancously jump down to the metastable state. When the
atoms are illuminated by photons with encrgies equal to the
excitation energy of the metastable state, the photons will in-
duce more radiation of the same wavelength, and the radiation
is amplified in geometric progression

the field, the motion iz circular and therefore acceler-
ated. The moving charge will radiate in the direction of
its velocity vector. Such radiation is called synchrotron
radiation. It will be further discussed in Chap. 15.

5.10 Radiative Transfer

Propagation of radiation in a medium, also called
radiative transfer, is one of the basic problems of astro-
physics. The subject is too complicated to be discussed
here in any detail. The fundamental equation of radiative
transfer is, however, easily derived.

Assume we have a small cylinder, the bottom of
which has an arca dA and the length of which is dr.
Let [, be the intensity of radiation perpendicular
to the bottom surface going into a solid angle de
([1,] =Wm™?Hz ! sterad™!). If the intensity changes
by an amount d,, in the distance dr, the energy changes

by
dE =di,dAdvdwd:

in the cylinder in time d¢. This equals the emission
minus absorption in the cylinder. The absorbed energy
is (e.f. (4.14)

dE g, = e, drdAdvdad:, (535

where &, is the opacity of the medium at frequency v.
Let the amount of energy emitted per hertz at fre-
quency v into unit solid angle from umit velume and
per unit time be j, ([f,] = Wm™? Hz~! sterad~!). This
is called the emission coefficient of the medium. The
encrgy cmitted into solid angle des from the cylinder is
then

dEen = judrdAdvdwmdr . (5.36)
The equation

dE =—dEg;+dEa
gives then

df, = —a,fdr + jdr
or

ﬂi‘:;r =i+ i—: . (537)

We shall denote the ratio of the emission coefficient f,
to the absorption coefficient or opacity e, by Sy

_ b

oy

S, (5.38)
Sy is called the sowrce fitnction. Because o, dr = d1y,
where 7, is the optical thickness at frequency v, (5.37)
can be written as
di,
dr,

Equation (3.39) is the basic equation of radiative
transfer. Without solving the equation, we see that if
I, = S, then df,/d¥, > O, and the intensity tends to in-
crease in the direction of propagation. And, if I, > S,
then df,/dz, < O, and [, will decrease. In an equilib-
rium the emitted and absorbed energies are equal, in
which case we find from (5.35) and (5.36)

—I,+5,. (5.39)

Iy = jpfay=5,. (540




5.11 Examples

Substituting this into (5.39), we see thatd [, /dv, = 0.In
thermodynamic equilibrium the radiation of the medium
is blackbody radiation, and the source function is given
by Planck’s law:
2t 1

S, =B,(T)= 2 oRTEy 1
Even if the system is not in thermodynamic equilibrium,
it may be possible to find an excitation temperature Toy,
such that B,(T.) = S,. This temperature may depend
on frequency.

A formal solution of (5.39) is

Ty

Lit) = L0)e™ ™+ f e~ ™98, (Hdr. (5.41)
0

Here 7,(0) is the intensity of the background radiation,
coming through the medium (c. g. an interstellar cloud)
and decaying exponentially in the medium. The second
term gives the emission in the medium. The solution
is only formal, since in general, the source function S,
is unknown and must be solved simultaneously with
the intensity. If S, (t,) is constant in the cloud and the
background radiation is ignored, we get

o
L{t) =5, f e = Sl —e ™). (542)
i
If the cloud is optically thick (T, 3 1), we have

I, =245, (5:43)

i.c. the intensity equals the source function, and the
emission and absorption processes are in equilibrium.

An important ficld of application of the theory of
radiative tramsfer is in the study of planctary and stellar
atmospheres. In this case, to a good approximation, the
properties of the medium only vary in one direction, say
along the z axis. The intensity will then depend only on z
and &, where 8 is the angle between the z axis and the
direction of propagation of the radiation.

In applications to atmospheres it is customary to
define the optical depth T, in the vertical direction as

dv, = —a,dz.

Conventionally z increases upwards and the optical
depth inwards in the atmosphere. The vertical line el-

|109

ement dz is related to that along the light ray, dr,
according to

dz =drcos@.

With these notational conventions, (5.39) now yiclds
cos&d—‘r”(z’ 9 _
v
This is the form of the equation of radiative transfer
usually encountered in the study of stellar and planctary
atmospheres.

A formal expression for the intensity emerging
from an atmosphere can be obtained by integrating
(5.44) from 7, = co (we assume that the bottom of
the atmosphere is at infinite optical depth) to ©, =0
{corresponding tothe top of the atmosphere). This yields

Li—S,. (5.44)

fee)
L,(0,8) = f Syemvee sec pdr, (5.45)
0

This expression will be used later in Chap.8 on the
interpretation of stellar spectra.

5.11 Examples

Example 5.1 Find the wavelength of the photon emit-
ted in the transition of a hydrogen atom from ny = 110
ton, =109,

Equation (5.8) gives

1 11
e
A ny R
1 1
=1097 x 107w —s — ——
rm (1092 1102)

=1671lm™",
whence
)L =0.060m.

This is in the radic band. Such radiation was cbserved
for the first time in 1965 by an NRAO radio telescope.

Example 52 The cffective temperature of a star is
12,000K and the absclute bolometric magnitude 0.0.
Find the radius of the star, when the effective tempera-
ture of the Sun is 5000 K and the absolute belometric
magnitude 4.7.
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